MNRAS 000, 1–16 (2021)

Preprint 10 March 2022

Compiled using MNRAS LATEX style file v3.0

Imaging of Radiation Driven Outflows from Super-Eddington SANE
Accretion Disks
Brandon Curd,1,2? Ramesh Narayan1,2 , Razieh Emami1 , Shep Doeleman1,2 , Richard Anantua3,1,2
1
2
3

Harvard-Smithsonian Center for Astrophysics, 60 Garden Street, Cambridge, MA 02138, USA
Black Hole Initiative at Harvard University, 20 Garden Street, Cambridge, MA 02138, USA
Department of Physics & Astronomy, The University of Texas at San Antonio, One UTSA Circle, San Antonio, TX 78249, USA

Accepted XXX. Received YYY; in original form ZZZ

ABSTRACT

We present general relativistic radiation magnetohydrodynamic (GRRMHD) simulations of super-Eddington accretion
flows around super massive black holes (SMBHs). We perform long duration (t > 83, 000 GM/c3 ) simulations around
SMBHs with various masses [m = (1, 5, 10) × 106 M ] and dimensionless spins [a∗ = (0, 0.5, 0.9)]. Each model achieves
a similar steady state accretion rate of nearly ten times the Eddington accretion rate. The accretion flows result in
radiation driven outflows through the funnel which achieve quite large velocities with v/c ≈ 0.5−0.9 at large distances.
Gas which flows beyond the funnel wall expands conically and variable mass ejection along the jet axis results in
internal shocks and dissipation all the way to scales in excess of 40, 000 GM/c2 . We perform general relativistic ray
tracing (GRRT) to measure the thermal synchrotron emission from each model. We find that, depending on the
electron temperature prescription, our models can produce radio spectra that peak near 10s of GHz with Lradio ∼
1038 − 1039 erg/s, which is similar to known radio TDEs. We also consider the detectability of such jets by the
EHT/ngEHT and determine that non-jetted TDEs are unlikely candidates unless Te = Ti and the disrupted star is
more massive (M∗ ∼ 3 M ), both of which we expect are highly unlikely.
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1 INTRODUCTION
The central black holes (BHs) of galaxies throughout the universe gain some fraction of their mass from the tidal disruption of stars in the near vicinity (see Pfister et al. 2021 for a
recent study). Random scatterings of stars orbiting the BH
occasionally places them on a chance orbit that will cross
the tidal radius (Rt ), beyond which the star’s self gravity is
weaker than the tidal forces acting on it and it is subsequently
disrupted into an elongated stream of gas (Hills 1975; Rees
1988; Evans & Kochanek 1989; Phinney 1989). The bright
transient which occurs as a result of the disruption is known
as a tidal disruption event (TDE). The most well studied
TDE is that of a near solar mass star being disrupted by
a supermassive BH (SMBH). In these events, the transient
light curve roughly follows a L ∝ (t/tfb )−5/3 decay. Here, the
fallback time

1/2 
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3/2
MBH
M∗
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tfb = 3.5 × 107 s
,
(1)
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M
R
where M∗ is the mass of the disrupted star and R∗ is its
radius, is the characteristic decay time for the TDE (Stone,
Sari, & Loeb 2013). This behaviour originates from the gas
dynamics during the disruption, which causes the star to
?
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be disrupted into an elongated stream of gas with a binding energy distribution which dictates that mass flows back
towards pericenter at the ‘fallback rate’ Ṁfb ∝ (t/tfb )−5/3
(Stone, Sari, & Loeb 2013). The earliest theoretical works
on the subject proposed that the radiation emitted by TDEs
would originate from a small scale, geometrically thick accretion disk located near ∼ Rt due to circularization of the
stream with gas temperatures leading to X-ray/UV emission
(e.g. see Rees 1988).
Thanks to various surveys in the optical/UV an X-ray, the
number of known TDEs has grown substantially since their
initial discovery via ROSAT (see Komossa 2015; Gezari 2021
for a review). We now understand that TDE emission is quite
complicated as not all TDEs appear in the X-ray. Also, the
optical/UV emission follows the same power-law behaviour
as expected for the X-ray. This suggests that the optical/UV
component originates from reprocessed X-rays emitted from
the hot accretion disk. This scenario is supported observationally as several Bowen-TDEs, which show Bowen fluorescence
(requiring reprocessing of higher energy photons), have been
detected (Leloudas et al. 2019; van Velzen et al. 2021).
Radio studies in the GHz range have only detected emission from a handful of TDEs (Alexander et al. 2020). Three of
these are likely so-called “jetted” TDEs, which launched powerful relativistic jets with bulk lorentz factor Γ > 10 and had a
peak radio luminosity of Lpeak,radio ∼ 1041 erg s−1 . The other
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events, which emitted significantly less energy in the radio
with Lpeak,radio ∼ 1038 − 1039 erg s−1 , have been modeled using non-relativistic outflows, internal jet shocks, and off-axis
jets. An important difference in each of these mechanisms is
the site of acceleration for electrons which eventually produce
the observed synchrotron emission. For example, in the external shock picture the electrons are accelerated in the shock
between the outflow and the circumnuclear medium (CNM)
while in the internal acceleration picture the electrons are
accelerated inside of the jet itself. An alternative model was
proposed by (Pasham & van Velzen 2018), who detected a lag
between the X-ray and radio emission in ASASSN-14li and
suggest that a conically expanding jet can explain the GHz
emission.
It is worth noting that radio emission in “non-jetted” TDEs
(TDEs with no highly relativistic jet) typically appears >
30 days after the peak emission. This may simply be due
to the initially turbulent evolution of the disk, which may
suppress the formation of a funnel region, through which the
gas may be radiatively accelerated into a jet (Curd 2021).
However, Bonnerot & Lu (2020); Bonnerot, Lu, & Hopkins
(2021) present models which appear to have formed a funnel.
TDEs are of great interest for studies of accretion physics
and stellar populations close to the BH. For TDEs of Sunlike stars around BHs with mass MBH . 107.5 M , the peak
fallback rate will exceed the Eddington rate ṀEdd (Stone,
Sari, & Loeb 2013), which opens up the possibility that the
accretion rate is actually super-Eddington. For example, a
solar mass star disrupted around a 106 M BH will have a
peak fallback rate that is ∼ 100 times the Eddington rate,
and the fallback rate should remain above the Eddington for
a few fallback times. Hydrodynamics simulations of the early
stages of disk formation in a TDE suggest that as much as
20% of the returning stream may actually cross the horizon
through an accretion flow; however, the current library of
published simulations has yet to cover a substantial range
of the TDE parameter space and the effects of magnetism
have largely been ignored in long term simulations (RamirezRuiz & Rosswog 2009; Guillochon, Manukian, & RamirezRuiz 2014; Shiokawa et al. 2015; Hayasaki, Stone, & Loeb
2016; Bonnerot et al. 2016; Liptai et al. 2019; Bonnerot & Lu
2020; Andalman et al. 2021; Bonnerot, Lu, & Hopkins 2021;
Curd 2021).
The exact nature of the accretion disk structure is still
uncertain, but previous work which applied GRRMHD simulations has shown that the emission properties of TDEs are
possibly described by thick accretion disks (Curd & Narayan
2019). In particular, magnetically arrested disks (or MADs,
Narayan, Igumenshchev, & Abramowicz 2003) around spinning BHs produce outflow and emission properties remarkably similar to that of Swift J1644+57. For non-jetted TDEs,
the ‘standard and normal evolution’ (or SANE) disks may
be appropriate to describe X-ray TDEs, but the optical/UV
component was uncertain in Curd & Narayan (2019) since it
originated from the outer radius of the torus, which was initialized using an equilibrium torus model rather than some
prescription of a TDE disk. SANE models may also apply to
jetted TDEs, as a funnel region in super-Eddington outflows
can result in highly relativistic outflows capable of explaining
even jetted events (Sadowski
& Narayan 2015a; Coughlin &
,
Begelman 2020). As the outflow from GRRMHD simulations
of super-Eddington disks originates from the inner accretion
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flow and is in a converged region of the simulation domain, a
numerical study of the radio emission from TDE outflows is
possible and well motivated.
In this work, we model the radio emission (via thermal
synchrotron) from the outflows of super-Eddington accretion
flows using GRRMHD simulations similar to those presented
in Curd & Narayan (2019). However, in this work we run the
simulation substantially longer such that the outflow reaches
radii similar to the emission scales for known radio TDEs
(Alexander et al. 2020). We model the outflows TDEs using
SANE accretion disks around BHs of mass MBH = (1, 5, 10)×
106 M and compare our results with current models of TDE
outflows and radio emission.

2 TDE RATES
In this section, we motivate improved observational capabilities in the radio band by quantifying the number of TDEs
in a given volume of the nearby universe assuming conservative TDE rates. The number of possible TDEs per year
grows rapidly at higher redshift since the number of BHs in
an integrated volume of space varies as NBH (D) ∝ D2 . Similarly, assuming the current best estimates of the TDE rates
are applicable broadly within the local universe (see Stone &
Metzger 2016; Pfister et al. 2020), we can estimate the number of TDEs per year within a finite distance so long as we
know the mass dependent TDE rate of a given BH (Γ(MBH )),
e BH )). The BHMF
the black hole mass function (BHMF, φ(M
does vary at larger cosmic distance, but here we assume only
the local universe (z < 0.1) is considered, where the BHMF
is essentially redshift independent.
We make use of the BHMF adopted by Stone & Metzger
(2016) to estimate the volumetric TDE rate. See their work
for an in depth definition. To estimate the BHMF, we first
define the number density based on the Schechter function
(Schechter 1976) using the R band luminosity:

−1.1
e R )dLR = φ
e∗ LR
φ(L
exp(−LR /L∗ )dLR ,
(2)
L∗
e∗ = 4.9 × 10−3 h37 Mpc−3 and L∗ = 2.9 × 1010 h−2 L .
where φ
7
Here h7 = 1 is the normalized Hubble constant. Combining
the above Schechter function with the Faber-Jackson law,
σ ≈ 150 km s−1 (LR /1010 L )1/4 , with the McConnell & Ma
(2013) calibration of the MBH − σ relation, we arrive at the
BHMF:

−1.07
MBH
e BH )d ln MBH = 2.56φ
e∗ focc
φ(M
108 M



MBH
× exp −0.647
d ln MBH . (3)
108 M
Here focc is the occupation fraction, which accounts for the
expectation that lower mass galaxies may not host a SMBH
at their center. Following Stone & Metzger (2016), we define
the occupation fraction as:

 


Mbulge

8.9−log10 (Mc /M )

0.5
+
0.5
tanh
ln
×
2.5
,


Mc
focc =
Mbulge < 1010 M



1,
Mbulge > 1010 M .
(4)
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Figure 1. Here we show the BHMF as calculated in the text (left panel). We then show the volumetric TDE rate (right panel). The text
above the curve shows the TDE rate when the curve is integrated over BH mass.

galaxies where high mass stars would haveRalready evolved
and died. We normalize the IMF such that χKro dM∗ = 1.
For the TDE rate, ΓTDE (MBH ), we use the upper limit
estimate from Stone & Metzger (2016):
−0.404

MBH
.
(6)
ΓS16 = 2.9 × 10−5 yr−1
108 M
This estimate comes from core/cusp galaxies using a sample
of roughly 200 objects. We note that the TDE rate can be
increased in galaxies with denser stellar cores (i.e. see Pfister et al. 2020), but for this work we restrict ourselves to
conservative estimates.
We then estimate the volumetric TDE rate accounting for
both the distribution of stars and the fact that some stars
will get swallowed and not contribute to the TDE rate via:
Z M∗,max
e BH )χKro dM∗ .
ṅ =
Γ(MBH , M∗ )φ(M
(7)
M∗,min

Figure 2. Here we estimate the number of total TDEs expected
given a limiting observable distance. The shaded regions denote
the range of parameter space where the expected number of TDEs
in 1 year (green) and 10 years (blue) exceeds 1.

We relate Mbulge to the BH mass with the MBH − Mbulge
relation from McConnell & Ma (2013). As was noted by Stone
& Metzger (2016), the value of Mc = 108.5 M is the most
likely case.
We also account for effect of different mass stars on the
TDE rate by incorporating the Kroupa initial mass functions
(IMF):
(
(M∗ /M )−1.3 ,
0.08 < (M∗ /M ) < 0.5
dN∗
∝
χKro =
−2.3
dM∗
(M∗ /M )
,
0.5 < (M∗ /M ) < 1.
(5)
Note that we have followed Stone & Metzger (2016) and only
assume stars in the range of 0.08 − 1 M are accounted for.
This is reasonable particularly if we are considering older

Here the TDE rate is ΓS16 . We account for cases where the
star is swallowed by the BH by setting Γ(MBH , M∗ ) = 0 if
Rt /rg < rH for the star at the given BH mass. We show the
volumetric TDE rate in Figure 1 for Mc = 108.5
R M and ΓS16 .
The text above the curve shows the integral ṅd ln MBH to
find the total volumetric TDE rate. Lower cutoff masses for
the occupation fraction can significantly increase the TDE
rate, but the greatest enhancement comes from assuming
denser stellar cores are present.
To estimate the TDE rate as a function of distance, we
assume the volumetric TDE rates using ΓS16 . Since most
TDEs have been found around more massive BHs (in fact the
peak of the distribution is at 107 M , see Stone & Metzger
2016), we assume a cutoff mass for the occupation fraction
Mc = 108.5 M . Figure 2 shows the range of TDE rates given
a number of years (1 year and 10 years).
The vertical lines in Figure 2 shows the effect on the number of observable TDEs for a maximal observing distance.
Even a modest maximum observing distance of D < 20
Mpc would provide 2-3 TDEs per decade while extending
MNRAS 000, 1–16 (2021)
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this range to D < 60 Mpc would lead to nearly 2 TDEs per
year. Assuming these flares are captured by other survey telescopes such as the Large Synoptic Survey Telescope (LSST)
or the Zwickey Transient Factory (ZTF), which combined are
expected to lead to many more TDE detections in the coming years, radio follow-up of several TDEs may be possible.
We suggest that the ngEHT could be suited for GHz radio
follow-up of radio TDEs. A direct probe of jet launching from
super-Eddington accretion disks and radio emission in TDEs
are both of significant interest and are expected to increase
our understanding of BH accretion and the environment of
BHs. In the following sections, we for the first time attempt
to quantify the observability of radio TDEs which produce
radio emission through analysing the radiatively accelerated
jets of super-Eddington accretion disks.

The interaction between gas and radiation is described by
the radiation four-force Gν . The opposite signs of this quantity in the conservation equations for gas and radiation stressenergy (equations 9, 10) reflect the fact that the gas-radiation
interaction is conservative, i.e. energy and momentum are
transferred between gas and radiation. For a detailed description of the four-force see Sadowski
et al. (2017). We include
,
the effects of absorption and emission via the electron scattering opacity (κes ), free-free absorption opacity (κa ), and
bound-free absorption opacity through the Sutherland Dopita
model (Sutherland & Dopita 1993) and assume a solar metal
abundance for the gas. We also include the effects of thermal synchrotron and Comptonization (Sadowski
& Narayan
,
2015c; Sadowski
et al. 2017).
,
3.1 Basic Dynamics

3 NUMERICAL METHODS
The simulations presented in this work were performed using the general relativistic radiation magnetohydrodynamical (GRRMHD) code KORAL (Sadowski
et al. 2013, 2014;
,
McKinney et al. 2014; Sadowski
et
al.
2017)
which solves the
,
conservation equations in a fixed, arbitrary spacetime using
finite-difference methods. We solve the following conservation
equations:
(ρuµ );µ = 0,
(Tνµ );µ
(Rνµ );µ

(8)

= Gν ,

(9)

= −Gν ,

(10)

where ρ is the gas density in the comoving fluid frame, uµ are
the components of the gas four-velocity as measured in the
“lab frame”, Tνµ is the MHD stress-energy tensor in the “lab
frame”,
Tνµ = (ρ + ug + pg + b2 )uµ uν + (pg +

1 2 µ
b )δν − bµ bν ,
2

(11)

Rνµ is the stress-energy tensor of radiation, and Gν is the
radiative four-force which describes the interaction between
gas and radiation (Sadowski
et al. 2014). Here ug and pg =
,
(γg − 1)ug are the internal energy and pressure of the gas
in the comoving frame (linked by adiabatic index γg ) and bµ
is the magnetic field four-vector which is evolved following
the ideal MHD induction equation (Gammie, McKinney, &
Tóth 2003). In the KORAL simulations, we assume a single temperature plasma where the ion temperature (Ti ) and
the electron temperature (Te ) are identical. This description
is adequate in the optically thick regions where collisions
are common, but may not be accurate in the extended jet
where the gas density is substantially lower. We also assume
that the electrons follow a thermal distribution, which is another caveat in the initial KORAL simulations since internal
shocks in the jet are expected to accelerate electrons into
a non-thermal distribution. Magnetic reconnection events in
the disk/wind may also produce regions where a non-thermal
electron population exists, but we do not account for the possibility of these effects.
The radiative stress-energy tensor is obtained from the
evolved radiative primitives, i.e. the radiative rest-frame energy density and its four velocity following the M1 closure
scheme modified by the addition of radiative viscosity (Sa,
dowski et al. 2013, 2015b).
MNRAS 000, 1–16 (2021)

A star which has been captured by a SMBH will be disrupted
when it can no longer be held together by its self-gravity. This
occurs at radii less than the tidal radius,

−2/3 
−1/3 

MBH
M∗
R∗
Rt /rg = 47
.
(12)
106 M
M
R
It is common to describe the disruption in terms of the impact
parameter, β, which is defined as the ratio between the tidal
radius and pericenter separation such that β ≡ Rt /Rp .
The pericenter separation at which a full disruption of the
star depends on the stellar composition. For Zero Age Main
Sequence (ZAMS) stars, those described by a γ = 5/3 polytrope are fully disrupted if β & 0.9 while stars described by
a γ = 4/3 polytrope must come within β & 2 (Guillochon &
Ramirez-Ruiz 2013; Mainetti et al. 2017). Golightly, Nixon,
& Coughlin (2019) demonstrated that the pericenter separation required for evolved stars is even larger (sometimes
greater than β = 3 based on their findings) as the core is no
longer hydrogen dominated due to its compactness. For our
purposes, we assume a ZAMS star with a γ = 5/3 polytrope
was disrupted for simplicity.
If hydrodynamical forces are neglected, then the change
in the specific binding energy of the fluid in the star as a
result of the tidal interaction can greatly exceed the internal
binding energy of the star (Rees 1988). As a result, a spread
in binding energy is imparted on the stellar material. Stone,
Sari, & Loeb (2013) find that the spread in orbital energy ∆
is insensitive to β since the energy is essentially frozen in at
the tidal radius. This spread is then given by:

1/3 
2/3 
−1
M∗
R∗
MBH
∆ ≈ 4.3 × 10−4
c2 . (13)
106 M
M
R
The orbital binding energy of the most/least bound material
is given by mb = ∗ − ∆/2 and lb = ∗ + ∆/2. Here ∗
is the initial orbital binding energy of the star. For parabolic
orbits, which have ∗ = 0, the spread in binding energy leads
to half of the mass remaining bound and the other half being
ejected. In this work, we assume the star was disrupted on
a parabolic orbit since the majority of TDEs will be of such
stars.
The spread in binding energy is one of the most crucial
parameters that defines the TDE evolution. In particular, the
fallback time (Equation 1) and the peak mass fallback rate:

−3/2 
2 
−3/2
MBH
M∗
R∗
Ṁfb,peak
≈ 133
, (14)
106 M
M
R
ṀEdd

EHT
are direct consequences of the spread in binding energy.

The magnetic flux is computed as:
Z
Z
1 2π 2π r
Φ(r) =
|B (r)|dAθφ ,
2 0
0

3.2 Definitions
Throughout this work, we use gravitational units to describe
physical parameters. For distance we use the gravitational
radius rg ≡ GMBH /c2 and for time we use the gravitational
time tg ≡ GMBH /c3 , where MBH is the mass of the BH.
Often, we set G = c = 1, so the above relations would be
equivalent to rg = tg = MBH . 1 Occasionally, we restore G
and c when we feel it helps to keep track of physical units.
We adopt the following definition for the Eddington mass
accretion rate:
LEdd
ṀEdd =
,
(15)
ηNT c2
where LEdd = 1.25 × 1038 (MBH /M ) erg s−1 is the Eddington luminosity, ηNT is the radiative efficiency of a thin disk
around a BH with spin parameter a∗ (which is often referred
to as the Novikov-Thorne efficiency),
r
2
ηNT = 1 − 1 −
,
(16)
3rISCO
p
and rISCO = 3 + Z2 − (3 − Z1 )(3 + Z1 + 2Z2 ) is the radius of the Innermost Stable Circular Orbit (ISCO, Novikov
& Thorne
where Z1 = 1 + (1 −

 1973) in the Kerr metric,
p
a2∗ )1/3 (1 + a∗ )1/3 + (1 − a∗ )1/3 and Z2 = 3a2∗ + Z12 . For
a∗ = 0.9, the efficiency is ηNT = 0.15575.
In this section, we provide brief descriptions of quantities
used to study the KORAL simulation data. We compute the
net mass inflow rate as:
Z π Z 2π
√
−gρ ur dφdθ.
(17)
Ṁ (r) = −
0

0

We treat the accretion of mass onto the BH as this integral
taken at the horizon rH .
The total luminosity (the net energy flux) is computed as:
2π

Z

π

Z

Ltot (r) = −
0

√

−g(T rt + Rr t + ρur )dφdθ,

(18)

0

where we integrate the radial flux of energy carried by gas
plus magnetic field (Ttr ) and radiation (Rtr ), and subtract
out the rest-mass energy (ρur , since it does not lead to observational consequences for an observer at infinity). When
measured at rH , this quantity determines the total outflowing energy extracted from the accreting gas so we refer to
this quantity as Ltot (rH ) = Ljet . The total efficiency is then
determined via η ≡ Ljet /Ṁin (rH ).
The radiative bolometric luminosity is given by:
Z 2π Z 2π
√
Lbol (r) = −
−gRr t dφdθ,
(19)
0

0

which gives the flux of radiation energy through a surface at
a given radius. In this work, we measure the flux through a
sphere at r = 5000 rg , which lies beyond the outer radius of
the initial torus, and define L5000 = Lbol (5000 rg ). We assume
rays crossing the surface reach a distant observer.
1

For a BH mass of 106 M , the gravitational radius and time in
CGS units are rg = 1.48 × 1011 cm and tg = 4.94 s, respectively.

5

(20)

where B r is the radial component of the magnetic field.
We quantify the magnetic field strength at the BH
horizon through the normalized magnetic flux parameter
(Tchekhovskoy, Narayan, & McKinney 2011):
Φ(rH )
φBH = q
.
Ṁ (rH )

(21)

For geometrically thick disks the MAD state is achieved once
φBH ∼ 40 − 50 (Tchekhovskoy, Narayan, & McKinney 2011;
Tchekhovskoy, McKinney, & Narayan 2012).
To characterize the magnetic field, we define the magnetic
pressure ratio:
βt ≡

(pgas + prad )
,
pmag

(22)

(distinguished from the impact parameter β) which is used to
define the pressure ratio in optically thick regions where the
radiation is dynamically important. For each model described
in this work, we choose βt = 33. Note that we also make use
of the ratio between the gas and magnetic pressure:
pgas
βg ≡
,
(23)
pmag
which is used to characterize the optically thin jet.
We estimate the electron scattering photosphere location
for an observer at infinity along the direction (θ, φ) by integrating the optical depth radially inward from the outer
boundary of the grid. Far from the BH, the curvature of
spacetime is negligible, so we simply integrate at constant
(θ, φ) in the “lab frame”:
Z Rmax
√
ρκes t
τes (r) =
grr dr0 ,
(24)
u − ur
c
r
where κes = 0.2(1 + X)κKN cm2 is the electron scattering
opacity, κKN is the Klein-Nishina correction factor for thermal electrons (Sadowski
et al. 2017), and Rmax is the radius
,
corresponding to the outer boundary of the grid. For the gas
and radiation temperatures in the simulations presented here,
the Klein-Nishina correction is negligible and the electron
scattering opacity is essentially the Thomson opacity. In this
work, we choose the location of the photosphere as the τes = 1
surface.
We define the accretion flow as three distinct regions (disk,
wind, and jet) based on the total energy via the Bernoulli
parameter. We also make use of the electron scattering opacity, τes , to determine where the the region of the fluid under
consideration is optically thin or thick. In optically thick regions (τes ≥ 1), the radiation is advected with the flow and
can contribute to acceleration of the gas so we treat it as
contributing to the Bernoulli parameter. Meanwhile, in optically thin regions (τes < 1) we assume that only the MHD
components are relevant to the total gas energy. Adopting
the definition used in Curd & Narayan (2019), we define the
Bernoulli parameter via:

t
t
t

− (T t + R t + ρu ) , (optically thick)

t
ρu
(25)
Be =
(T tt + ρut )


, (optically thin)
−
t
ρu
MNRAS 000, 1–16 (2021)
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The ‘disk’ is made up of bound gas with Be < 0. This constitutes both the inner accretion disk at and the large mass
reservoir of the initial torus. Both the ‘wind’ and ‘jet’ are unbound with and are generally radially out flowing. The wind
is defined as any fluid with 0 < Be ≤ 0.05. The jet is any
fluid with Be > 0.05. This choice of cutoff for wind vs. jet is
based on the velocity at infinity (v∞ ), with the wind having
v∞ . 0.3c and the jet having v∞ & 0.3c. It is worth noting that this choice assumes that gas at small radii will not
lose/gain energy as it travels outward, which is not guaranteed to be the case outside of steady state regions; however,
the simulations in this work have been run sufficiently long
that this definition should be adequate for much of the outflow. We make use of the Bernoulli parameter to find the
opening angle of the top jet. I.e. we define θjet (r) such that:
Be(r, θjet (r)) = 0.05.

(26)

We quantify the resolution of the fastest growing mode
of the magnetorotational instability (MRI, Balbus & Hawley
1991) by computing the quantities:
Qθ =

2π |bθ |
√
,
Ωdxθ 4πρ

(27)

Qφ =

2π |bφ |
√
,
Ωdxφ 4πρ

(28)

where dxi (the grid cell) and bi (the magnetic field) are both
evaluated in the orthonormal frame, Ω is the angular velocity,
and ρ is the gas density. Numerical studies of the MRI have
shown that values of Qθ and Qφ in excess of at least 10 are
needed to resolve the fastest growing mode (Hawley, Guan, &
Krolik 2011). As we are considering 2D simulations in r − θ,
we do not consider the φ MRI quality factor. Throughout
each simulation, we find the quality factor Qθ > 10 at the
mid plane for r < 50 rg .
3.3 Numerical Models/Initial Conditions
For the models described in this work, we assume that the
stream rapidly circularized and formed an accretion flow. It is
important to note that this model assumes that the circularization process happens on a timescale that is much shorter
than the fallback time. We also assume that angular momentum and binding energy are conserved, which allows for
simple initial conditions of the initial gas torus to be defined.
Using these inputs, we follow the method described in
Kato, Mineshige, & Shibata (2004) to initialize the simulation
domain with an equilibrium torus which has its angular momentum vector aligned with the BH spin vector. We set the
density maximum of the torus (R0 , see Table 1) to occur at
Rcirc = 2Rp and the binding energy is initialized
using a con√
stant angular momentum torus with l = Rcirc and  = mb .
This results in a tenuously bound, geometrically thick torus
where the inner edge of the torus (Rin ) is smaller than R0 and
the outer edge (Rout ) is at 1000s of rg (see values in Table
1). In each model, our choice of density maximum results in
a late time accretion rate of ∼ 10 ṀEdd . We give the ratio of
our target accretion rate to the peak fallback rate in Table 1.
The magnetic field is initialized in terms of the vector potential (Aφ ) using multiple field loops with varying polarity across the mid-plane and in radius (see Figure 3). This
guarantees that the accretion disk remains at a low magnetic
MNRAS 000, 1–16 (2021)

Figure 3. Here we show the initial torus configuration for model
m1a0.9 in terms of the gas density (colors) and vector potential
Aφ (contours). The green/purple lines denote positive/negative
vector potential.

flux throughout. Without this initialization, the chance connection of a large loop of field can drive the disk towards a
MAD state, which we cannot accurately simulate in 2D. The
magnetic field is normalized such that the maximum pressure ratio βp,max ≡ (pgas,max + prad,max )/pmag,max = 33. As
the simulations in this work are performed in spherical r − θ
coordinates, we employ a mean field dynamo which mimics
the dynamo processes that naturally take place in full 3D
simulations and prevent the magnetic flux from weakening
throughout the simulation.
We use a grid which has more cells both near the poles to
resolve the outflow and in the midplane to resolve the disk.
We set the resolution Nr × Nθ such that the cells are roughly
1:1 in most of the simulation domain. We use modified KerrSchild coordinates with the inner edge of the domain inside
the BH horizon. At the inner radial boundary (Rmin ), we
use an outflow condition while at the outer boundary (Rmax )
we use a similar boundary condition and in addition prevent
the inflow of gas and radiation. Note that our choice of Rmin
is such that at least 6 cells in the computational domain lie
inside of the horizon. At the polar boundaries, we use a reflective boundary. We employ a periodic boundary condition in
azimuth. To maintain numerical stability, we introduce mass
in highly magnetized regions of the simulation domain using a floor condition on the magnetization σ ≡ b2 /ρ ≤ 50
throughout each simulation.
We identify the simulations by the BH mass in units
of m = MBH /106 M , the dimensionless BH spin a∗ , and

EHT
m1a0.9
MBH (M )
hṀ i(ṀEdd )
hṀ i/Ṁfb,peak
a∗
R0 (rg )
Duration (tg )
Nr × Nθ
Rin (rg )/Rout (rg )
Rmin (rg )/Rmax (rg )

106
∼ 10
0.075
0.9
40
100, 000
320 × 256
20/5000
1.1/105

m5a0.0-HR
106

5×
∼ 10
0.84
0
20
83, 000
640 × 256
10/3000
1.5/105

m5a0.5-HR
106

5×
∼ 10
0.84
0.5
20
83, 000
640 × 256
10/3000
1.3/105

m5a0.9
106

5×
∼ 10
0.84
0.9
20
83, 000
320 × 256
10/3000
1.1/105

m5a0.9-HR
106

5×
∼ 10
0.84
0.9
20
83, 000
640 × 256
10/3000
1.1/105

7

m10a0.9
107
∼ 10
2.5
0.9
20
80, 000
320 × 256
10/3000
1.1/105

Table 1. Simulation parameters and properties of the three simulations presented in this work. We specify the BH mass (MBH ), average
accretion rate (hṀ i), the spin of the BH (a∗ ), simulation duration in tg , the grid resolution, the inner and outer edges of the initial torus,
and the inner and outer radial boundaries of the simulation box.

Figure 4. Here we show the mass accretion rate (top), normalized
magnetic flux at the BH horizon (middle), and bolometric luminosity (bottom) for each model. Note that the curves for m10a0.9
start at a later time since we performed a rescaling at t = 25, 000 tg
to achieve the desired accretion rate.

whether or not the resolution in the jet is increased. For instance, m5a0.5-HR corresponds to a BH mass of 5 × 106 M
with a∗ = 0.5 and an increased radial resolution in the jet. As
mentioned above, we perform simulations with low and high
resolution radially. The low resolution grid is logarithmically
spaced in r until r > 10, 000 rg , beyond which resolution becomes increasingly sparse. For the higher resolution grid, we
double the number of cells in r and the radial cells are logarithmically spaced for the full domain. This gives roughly
3 − 5 times the radial resolution in the jet versus the lower
resolution grid; however, both grids have nearly the same radial resolution for r < 10, 000 rg .

4 RESULTS
4.1 Accretion Flow Properties
We show the accretion rate, magnetic flux at the BH horizon,
and the luminosity of outgoing radiation computed directly
from the KORAL data in Figure 4. Note that for model
m10a0.9, we performed a density rescaling of a simulation
which initially had a higher accretion rate and restarted the
simulation at t = 25, 000 tg in order to achieve a lower ac-

Figure 5. A zoomed in view of the accretion flow and funnel of
m5a0.0-HR. The colors show the gas density (top) and radiation
energy density (bottom). The streamlines indicate the fluid velocity (top) and radiative flux (bottom).

cretion rate for our analysis. For each model in Figure 4, the
accretion rate, while super-Eddington, does not remain at the
initial accretion rate (e.g. ∼ 100 for m1a0.9 and instead goes
through phases of high and low accretion. The magnetic flux
in each simulation is φBH . 10, which is well below the limit
for the MAD state (φBH & 40). The escaping radiation is
slightly super-Eddington at L5000 ≈ 3LEdd .
Since each of the simulations has similar features, we focus
on m5a0.0-HR to describe the accretion flow properties. Visualizations of the simulation data for m5a0.0-HR are shown in
Figures 5. The accretion disk is evidently thick and turbulent,
with the turbulence being driven by MRI. The gas accretes
MNRAS 000, 1–16 (2021)
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Figure 6. Here we show a zoomed out view of m5a0.0-HR. The colors show the gas density (top left), radiation energy density (2nd panel,
left), gas temperature (3rd panel, left), magnetic field strength (bottom left), gas lorentz factor γ (top right), gas magnetization σ (2nd
panel right), gas pressure to magnetic pressure ratio pgas /pmag (3rd panel, right), and gas to radiation pressure ratio pgas /prad (bottom
right).

onto the black hole primarily along the equatorial plane. The
flow is significantly turbulent even at relatively large radii.
The turbulent structure of the velocity streamlines is in part
the result of material near the black hole gaining energy and
being launched back into the disk. For such a low binding
MNRAS 000, 1–16 (2021)

energy disk, small perturbations can lead to the material becoming unbound quite easily. Outflows driven predominantly
by radiation pressure are evident within ∼ 45◦ from the pole.
Much of the radiation energy density is contained within
the disk near the equatorial plane. Radiation is advected in

EHT
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Figure 7. The same as Figure 6, but for model m5a0.9-HR. The simple addition of a spinning BH has a noticeable effect in many
characteristics of the jet. Namely, the jet propagates farther owing to greater acceleration (γ > 2). In addition, the jet is hotter along the
jet axis and jet head. Lastly, the magnetic field strength in the jet is larger at larger radii (r > 30, 000 rg ), which leads to more of the gas
becoming strongly magnetized with σ > 1.

with the accretion flow and escapes out through the funnel,
driving a mildly relativistic outflow (Γ . 2). As described
in Sadowski
& Narayan (2015a), this process occurs because
,
optically thick gas flows from the disk into the funnel region
and is subsequently accelerated by the radiation streaming

through the funnel. This process can produce highly relativistic outflows, but the models presented in this work typically have Γ . 2 in the jet. The torus is predominantly
gas/radiation pressure dominated throughout, but the magnetic pressure is much larger in the jet. Some regions reach
MNRAS 000, 1–16 (2021)
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above the magnetization σ of unity. As we illustrate via the
electron scattering photosphere, the funnel/outflow is low
density, hot, optically thin gas. The map of the magnetization
σ shows that it is primarily near the pole θ ∼ 0 where the
gas becomes strongly magnetized. We note that we remove
the inner 4 polar cells at the top (θ = 0) and bottom (θ = π)
poles before post-processing by copying data from the 5th
cell due to the reflecting boundary and numerical treatment
at the pole, so the most magnetized gas is excised prior to
post-processing.
For a detailed description of the accretion flow of similar
SANE models, see Curd & Narayan (2019).

4.2 Dissipation
To search for dissipation in the jet, we examine the flux of energy in various forms. Namely, we compute the kinetic (Ėkin ),
internal (Ėint ), magnetic (Ėmag ), and radiative (Ėrad ) energy
fluxes. The energy fluxes are computed as:
Z π Z 2π
√
Ėkin (r) = −
−g ρur ut dφdθ,
(29)
0

0

π

Z

2π

Z

Ėint (r) = −
0

√
−g ug ur ut dφdθ,

(30)

0

π

Z

2π

Z

Ėmag (r) = −
0

√
−g (b2 ur ut − br bt ) dφdθ,

(31)

0

and
π

Z

2π

Z

Ėrad (r) = −
0

√
−g Rr t dφdθ,

(32)

0

respectively. We also look for sites of dissipation through the
total entropy per unit mass:


1
pgas + prad
s=
ln
.
(33)
γg − 1
ργg
The variable velocity of gas flowing along the jet is expected to lead to shocks, wherein dissipated kinetic energy
leads to heating of the gas and thus an increase in internal
energy. We show radial profiles of the various energy fluxes
for each of the high resolution runs in Figure 8. In each simulation, Ėkin shows oscillations along the entire jet and also
steadily declines. The internal energy steadily increases and
also shows variable behaviour which seems to mirror the oscillations in the kinetic energy flux. We do not see a strong
indication that this energy is deposited in either magnetic or
radiation energy. It is interesting that the magnetic energy
flux appears to increase with dimensionless BH spin. As we
have not carried out a resolution study, we cannot quantify
the effects of numerical dissipation as the jet becomes less
resolved.
We consider the radial velocity and entropy in m5a0.5HR in Figure 9. The trace of the entropy at θ ≈ 3◦ shows
quite clearly that (i) the entropy increases overall, and (ii) the
entropy shows similar oscillations to the velocity (and kinetic
energy flux). Taken together, this suggests that we are indeed
observing dissipation of kinetic energy via internal shocks in
the jet.
MNRAS 000, 1–16 (2021)

4.3 Jet Structure
We define the jet boundary using the Bernoulli parameter
via Equation 25 and measure the half opening angle θjet for
both the top and bottom jet as a function of distance along
the jet (z, see Figure 10). We find nearly identical opening
angles for both the top and bottom jet in each model. We
find that at distances rH /rg < z/rg . 1000 the jet undergoes
very nearly parabolic expansion with a power-law of roughly
ω ∝ z 0.7 , where ω is jet width. The jet appears to maintain
a roughly conical structure at jet lengths 1000 . z/rg .
20, 000 with θjet maintaining a nearly flat profile. Beyond this
point, the jet angle shrinks rapidly with a profile that is nearly
cylindrical, i.e. the jet width varies roughly as ω ∝ z 0 . This
is in a region of the simulation where the jet has expanded
well beyond the slower moving wind and the resolution is
reduced compared to the inner region, so the jet structure in
this region should be taken with caution.
Interestingly, the half opening angle of the conical region
appears to increase with accretion fraction with the highest
accretion fraction model, m10a0.9, reaching θjet ∼ 0.3 while
m5a0.9 reaches θjet ∼ 0.25 and m1a0.9 reaches θjet ∼ 0.2.
This is likely due to the average temperature in the jet increasing as a function of accretion fraction. Since a freely expanding jet expands laterally at the sound speed, this would
explain the differences between the jet profiles in the conical
region.
Conically expanding jets were successfully applied to
ASASSN-14li in the models of Pasham & van Velzen (2018),
who modeled the radio synchrotron emission as superposition
of synchrotron emitting regions in a conically expanding jet.
Figure 10 demonstrates that SANE super-Eddington disks
produce conically expanding jets, at least with our chosen
initial torus configuration. The half-opening angles that we
find are all larger than the best fit models of Pasham & van
Velzen (2018). We note that their model assumed a previously cleared funnel was present while we have assumed a low
density atmosphere which cannot provide substantial lateral
confinement. Future work on TDE jets should examine the
effects of such confinement on the jet and emission properties.

4.4 Synchrotron Emission Imaging Analysis
In Figure 11, we compare the emissivity of synchrotron and
bremsstrahlung processes in each model. We compute the
emissivities using functions defined in Sadowski
et al. (2017)
,
since these are the frequency dependent functions currently
used by KORAL. Namely, we use the fitting function for
the ultrarelativistic synchrotron emissivity in Gaussian-CGS
units:
xM I 0 (xM ) h erg i
jSynch = 4.43 × 10−30 νM ne
,
(34)
2θe2
cm3 s Hz
where ne ≡ ρ/µmp is the electron number density in a fully
ionized gas given a mean molecular weight µ and proton mass
mp , θe ≡ kT /me c2 is the dimensionless electron temperature,
xM = ν/νM , νM = (3/2)eBθe2 /2πme c is the characteristic
synchrotron frequency, and I 0 (xM ) is a fitting function provided by Mahadevan, Narayan, & Yi (1996),
!
4.0505
0.40
0.5316
1/3
0
I (xM ) = 1/6
1 + 1/4 + 1/2
exp(−1.8899xM ).
xM
xM
xM
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Figure 8. Here we show the half opening angle of the top jet (solid lines) and bottom jet (dashed lines) for each model. We find that the
jet expands roughly conically from r ≈ 103 until nearly r ≈ 20, 000 rg in each model.

(35)
The bremsstrahlung emissivity is computed as:

jBr =

h erg i
6.8 × 10−38 −1/2 2
T
ne gR(T ) exp(−hν/kT )
,
4π
cm3 s Hz
(36)

where we assume a Gaunt factor g = 1.2 and R(T ) ≡ 1 +
4.4 × 10−10 T is a relativistic correction adopted from Rybicki
& Lightman (1979).
We find that the synchrotron emission dominates the jet
while bremsstrahlung dominates in the optically thick disk,
thus we expect the jet emission will largely be from synchrotron and Compton processes. The frequency νM sets the
peak of the synchrotron emission in this formulation. The
periodic outflows appear as discreet ‘bubbles’ of high synchrotron emissivity along the jet. Here the gas is hotter and
high frequency synchrotron emission (ν & 1011 ) is expected
as a result. We note however that these computations were
done directly from the KORAL data. Nevertheless, this analysis demonstrates that the jet emission is not continuous.
The synchrotron emission dominates in the jet at scales beyond r & 5000 rg regardless of BH mass. Because the density
in much of the bright regions is so low, Compton effects will
also be minimal. As such, the synchrotron emission alone can
provide a reasonable model of the jet emission.
We make use of the GRRT code ipole (Mościbrodzka &
Gammie 2018) to produce images of the jet. Before postprocessing the data, we set the gas density ρ = 0 in regions where σ > 1. GRMHD codes inject mass and energy in these regions to keep the simulation stable. As such,
any radiation emitted from these regions is unreliable. This
method, which is the most conservative choice, has been employed in other studies of ray-traced GRMHD simulations
(see Chael, Narayan, & Johnson 2019). Because the code does
not presently include brehmsstrahlung or Compton effects,
we also cut out data in r < 5000 rg prior to ray-tracing.
Internal shocks in the jet are expected to produce nonthermal electrons, which we do not model in this analysis.
In addition, these shocks are expected to lead to differential heating of electron and ion populations in the plasma, in
part because electrons cool faster than ions. This effect has
been treated in studies of hot accretion flows using a simple two-temperature prescription which depends on the gas
β (Mościbrodzka, Falcke, & Shiokawa 2016). Here we adopt

such a scheme and define the electron temperature via:
βg2
1
Ti
= Rlow
+
R
.
high
Te
1 + βg2
1 + βg2

(37)

Thus, Ti /Te −→ Rhigh when βg  1 and Ti /Te −→ Rlow
when βg  1. This simplified prescription smooths over the
microphysics, which depend on magnetic reconnection and
shock properties; however, it does provide some handle on
how the electron and ion populations must differ within a
particular model to produce a specific emission property, albeit in a parameterized fashion. A recent study of electron
heating in AGN jets (Ohmura et al. 2019, 2020) has demonstrated that Ti /Te can become as large as 10 − 100 depending
on the heating physics. In these simulations, internal shocks
led to ion heating while weak Coulomb coupling prevented
the ion and electron populations from being similarly heated.
Our simulation results indicate that internal shocks due to
variable ejections take place, thus it is reasonable to model
the electrons in the jet with Ti /Te > 1.
As Figures 6 and 7 show, the jet has a variable βg structure.
Regions where little dissipation occurs have lower temperatures and thus show βg < 1. Meanwhile at internal shocks and
at the edge of the jet, where it expands into the surrounding atmosphere, has βg & 1. Note that in these regions βg
increases (decreases) because Tgas increases (decreases) but
|B| simultaneously decreases (increases).
We produce spectra of the high resolution models (m5a0.0HR, m5a0.5-HR, and m5a0.9-HR) at the final snapshot (t =
83, 000 tg ) by using 20 frequency points from ν = 1 − 1000
GHz. We present full spectra in Figure 12. For each model
with MBH = 5 × 106 M , we find that most of the ν & 100
GHz emission is generated by βg < 1 gas. On the other hand,
the ν . 100 GHz emission is generally produced by βg > 1
gas. In general, Rlow > 10 leads to spectra which peak at
a lower frequencies. At the same time, it reduces the overall radio luminosity by up to an order of magnitude when
Rhigh = 1. When Rhigh is increased while Rlow = 1, we find
that the whole spectrum shifts to a lower luminosity, with
the strongest impact being on the low frequency tail. When
both are modulated simultaneously, we find that some combinations of Rlow and Rhigh are capable of producing radio
spectra akin to radio emission from real TDEs.
The most favorable models in terms of present day EHT
observations are Rlow = Rhigh = 1; however, these models
are disfavored by TDE observations, which indicated both
Lradio . 1039 erg/s for non-jetted TDEs and νpeak ∼ 10 GHz.
MNRAS 000, 1–16 (2021)
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Figure 10. Here we show the half opening angle of the jet (solid
lines) for each model. Note that we have symmetrized the data
by taking the mean of the half opening angle measurement for the
bottom and top jet. We find that the jet expands roughly conically
from r ≈ 103 until nearly r ≈ 20, 000 rg in each model.

Figure 11. Here we show the synchrotron emissivity (top panel)
and the Bremsstrahlung emissivity (bottom panel) at 1 GHz for
m5a0.0-HR. The synchrotron emissivity is dominant outside of the
optically thick disk. The Bremsstrahlung emissivity shown here is
representative of the low frequency emissivity. The Bremsstrahlung
cutoff occurs at ν > 1016 Hz, far beyond the radio frequencies we
are considering here.

Figure 9. Here we show the radial velocity (v r = ur /ut ) and entropy in the top panel. The bottom panel shows a trace of the
radial velocity and entropy taken at θ = 3◦ (indicated as the pink
line in the top panel). Dissipation leads to an increasing entropy
overall. There are also entropy jumps where fast moving gas shocks
with slow moving gas.

MNRAS 000, 1–16 (2021)

The thermal synchrotron models which are most similar to
known TDEs have Rlow > 10 and Rhigh ∼ 1. Assuming out
models are a reasonable representation of TDEs, this suggests
that regions with low temperature (which have not shocked)
may be populated with plasma where the electrons are significantly cooler than the ions while shocked regions may thermalize to some extent.
We stress that the formalism used in this section was initially designed to study the inner disk/jet on scales of 10s
of rg . An even simpler formalism would be to define a fixed
temperature ratio in the jet Ti /Te = R; however, we believe
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Figure 12. Model spectra of the high resolution models (m5a0.0-HR, m5a0.5-HR, and m5a0.9-HR) produced using a camera angle of θ = 90◦
(viewing the disk/jet edge on). In the top row, we fix Rhigh = 1 and vary Rlow . In the middle and bottom rows, we fix Rlow = 1 (middle)
or Rlow = 10 (bottom) and vary Rhigh . We find that the strongest change in the spectrum is achieved by increasing Rlow > 10. The high
frequency emission is strongly impacted as Rlow increases and the peak frequency decreases. Changing Rhigh on the other hand primarily
modulations the overall luminosity, which is most easily seen in m5a0.0-HR in the bottom row.

there should be some βg dependence, especially if βg < 1.
We leave a precise analysis of the spatial electron temperature ratio to a future analysis. A more accurate prescription
may be to account for the radiation pressure and use a twotemperature model which scales based on βt ; however, we
leave an investigation of these effects for a later work.
We also show 100 GHz images of m5a0.0-HR, m5a0.5-HR,
and m5a0.9-HR at the final snapshot (t = 83, 000 tg ) in Figure
13. In each model, we see bright spots in the jet where gas
is shock heated. In each case, the brightest part of the jet
is the jet head. In m5a0.9-HR, the jet head is even brighter
due to material expelled after the initial outflow catching up
to the jet head and leading to even greater expansion and
heating. This correlates with the emission structure expected
from Figure 11. The discontinuous structure in these jets has
direct implications for real astrophysical jets. The variation
in brightness along the jet axis in our models is not driven

by any instability along the jet, but is instead due to variable
outflows.
4.5 Preliminary Comparison of 230 GHz Emission with EHT
Detection Limits
In this section, we estimate the viability for each low resolution model (m1a0.9, m5a0.9, and m10a0.9) at 230 GHz as a
function of viewing angle assuming an electron temperature
model where Te = Ti . Input images to compute the spatial
thermal synchrotron flux were computed with ipole via the
methodology describe in the previous section. For each model,
we first choose a vertical (z in Figure 6 for example) bin scale
of ∆R and simply include all emission in the horizontal direction (perpendicular to the jet axis). This is reasonable since
the horizontal scale is generally larger than the jet width. For
m1a0.9, we use bin sizes of ∆R = 2, 3.5, 5 and 10 × 1015 cm.
MNRAS 000, 1–16 (2021)
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m5a0.0-HR

m5a0.5-HR

m5a0.9-HR

Figure 13. Here we present infinite resolution GR ray traced images
of the thermal synchrotron emission (mapped via intensity in arbitrary units) at ν = 100 GHz of the high resolution models (m5a0.0HR, m5a0.5-HR, and m5a0.9-HR) produced using a camera angle of
θ = 90◦ (viewing the disk/jet edge on). Here we have simply assumed Rlow = Rhigh = 1. The region shown spans z = ±50, 000 rg
along the jet axis and is x = ±10, 000 rg wide. The intensity scale
is the same for each image in order to illustrate the brightness
difference between each model. In general, increasing a∗ leads to
brighter emission and a brighter jet head. In each case, we see
bright “bubbles” along the jet axis similar to what we presented in
the emissivity maps in Figure 11.

For m5a0.9 and m10a0.9, we can use a larger bin in terms of
physical scale with ∆R = 3.5, 5, 10 and 15×1015 cm. We then
scan the entire length of the jet using the bin size of ∆R and
save the total bin flux (the net flux from each pixel contained
in the region ∆R). We then divide the bin flux by the number
of pixels in the bin assuming a circular beam. This accounts
for the smoothing that occurs in under resolved images. We
only include bins that have a total flux greater than 50% of
the flux from the brightest bin. We then take the mean of all
bins meeting this criterion and treat that as a characteristic
flux for the resolution scale.
We compute the mean 230 GHz flux (F230 GHz ) for a
given angular scale (∆R/D) for each model at a distance of
(20, 30, 40) Mpc. We then compare our model estimates with
flux limits relevant to the EHT in Figure 14. Namely, we assume a conservative flux limit of 1 mJy (and an optimistic
flux limit of 0.1 mJy) and a resolution limit of 20 µas (Event
Horizon Telescope Collaboration 2019). Our results suggest
that current EHT flux limits are only adequate to detect high
accretion fraction TDE outflows (model m10a0.9) for shallow
MNRAS 000, 1–16 (2021)

viewing angles (i.e. both 10◦ and 40◦ are in a region of parameter space that should be detectable). This is even for optimistic flux limits of 0.1 mJy. For m1a0.9 and m5a0.9 (which
has what we consider a more probable accretion fraction) the
radio emission is well below 1 mJy regardless of viewing angle.
This implies that the accretion rate is an important factor,
as m1a0.9 achieved an accretion rate that is less than 10% of
the peak fallback rate while m10a0.9 had an accretion rate of
nearly 250% of the peak fallback rate, though we stress that
in this work we assumed the disruption of a main sequence
star. Model m10a0.9 suggests that disruptions of higher mass
stars will result in more easily detected radio emission. However, these events will be rare in old galaxies where massive
stars contribute very little to the overall TDE rate (i.e. galaxies in the nearby universe). Treating model m5a0.9 as a more
likely TDE jet, our results suggest that increasing the flux
limit to 1 µJy may be necessary to detect high frequency radio emission from TDE jets (assuming a conically expanding
jet model).
We must stress that this preliminary analysis was only carried out on our low resolution runs, which likely suffer from
numerical dissipation in the elongated jet. Higher resolution
runs in the future will provide better estimates of the jet flux.
We do not expect the results to be strongly effected by increased resolution however since the overall radio emission
between low and high resolution simulations (i.e. comparing
m5a0.9 and m5a0.9-HR) is similar.

5 CONCLUSIONS
We have analyzed radiation driven outflows from SANE
super-Eddington accretion disks across mass and spin parameter space for a nearly identical accretion rate Ṁ ≈ 10ṀEdd .
We confirm that dissipation takes place along the jet due to
variable ejections of high velocity gas, which propagates along
the jet access and shocks with slower moving shells of gas.
Through GRRT post-processing with ipole, we test an
electron temperature model similar to that presented by Mościbrodzka, Falcke, & Shiokawa (2016) on models m5a0.0-HR,
m5a0.5-HR, and m5a0.9-HR. We find that varying Rlow can
bring our models within fairly good agreement with observed
TDEs since it decreased the peak frequency to 10s of GHz
and, depending on the chosen value, reduced the radio luminosity to 1038 − 1039 erg/s. On the other hand, varying
Rhigh alone had a minimal effect on the luminosity. We assumed the temperature ratio varied with βg = pgas /pmag ,
but a more accurate prescription may require some accounting for the radiation pressure as well since our simulations
are in GRRMHD.
For the current EHT limits, we find that m5a0.9, which
has a more probable accretion fraction, sits below the current
EHT flux limit of 1 mJy for all distances regardless of viewing angle. However, if we allow for the most optimistic sensitivity (i.e. if a space based radio telescope is launched, see
e.g. Johnson et al. 2020), our high accretion fraction model
m10a0.9 is expected to be detectable for D . 40 Mpc for
favorable viewing angles. In order to detect m5a0.9 out to
D . 40 Mpc, a flux limit of nearly 1 µJy is necessary. At
this distance, roughly 2 TDEs per year is expected for our
conservative estimates of the TDE rate, thus increasing the
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Figure 14. We show the mean flux of the jet for a given resolution scale for a TDE detected at 20, 30, and 40 Mpc for each model at 10◦
(large circles), 40◦ (mid-sized circles), and 90◦ (small circles). The minimum angular scale (∆R/D > 20µas) to be resolved by the EHT
is shown as the vertical dashed line. The dark green (gray) corresponds to scales where the emission is above 1 mJy (the current EHT
limits) and the angular scale is above (below) the resolution of the EHT. The light green (gray) is the same, but for more optimistic flux
limits of 0.1 mJy, which might be possible with a space telescope added to the EHT.

flux sensitivity to capture TDEs near peak would be greatly
advantageous to studies of TDE jets.
We caution that the above analysis was conducted assuming Te = Ti . Additionally, we must stress that much is unknown about jet launching in TDEs, thus while the number of TDEs increases with distance, only a fraction of these
may ever appear in the radio. Furthermore, a fraction of jets
may be directed away from the line of sight, making detection more difficult. In this work, we have merely provided an
analysis of a single mechanism by which radio emission can be
produced, that is radiatively accelerated jets which undergo
conical expansion, and determine the viability of detecting
such jets with the EHT. As of this writing, the majority of
known radio TDEs appear to have produced their radio emission through external shocks with the CNM.
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APPENDIX A: ADDITIONAL FIGURES
Here we show additional figures for comparison with fiducial
models described in the text. We show the jet properties of
m5a0.5-HR in Figure A1. Compared to m5a0.0-HR, the jet has
travelled nearly the same distance (∼ 40, 000 rg ), but the jet
core is much faster and the gas temperature in the core is
hotter. In addition, the magnetic field strength along the jet
axis is larger.
We show the jet properties of m5a0.9 in Figure A2.
Compared to m5a0.9-HR, the effects of numerical dissipation are clearly leading to higher temperatures in the jet
at radii beyond where the grid becomes hyper-exponential
(r & 20, 000 rg ).
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Figure A1. The same as Figure 6 but for m5a0.5-HR.

MNRAS 000, 1–16 (2021)

18

Brandon Curd

Figure A2. The same as Figure 7 but for m5a0.9, which is the lower resolution counterpart to m5a0.9-HR.
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